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ABSTRACT
Context. Observations indicate that wind can be generated in hot accretion flow. By performing numerical simulations, Yuan et al.
studied the detailed properties of wind generated from weakly magnetized accretion flow. However, properties of wind generated from
strongly magnetized hot accretion flow have not been studied.
Aims. In this paper, we study the properties of wind generated from both weakly and strongly magnetized accretion flow. We focus
on how the magnetic field strength affects the wind properties.
Methods. We solve time-steady two-dimensional magnetohydrodynamic (MHD) equations of black hole accretion in the presence of
large-scale magnetic field. We assume self-similarity in radial direction. The magnetic field is assumed to be evenly symmetric with
the equatorial plane.
Results. We find that wind exists in both weakly and strongly magnetized accretion flow. When magnetic field is weak (magnetic
pressure is more than 2 orders of magnitude smaller than gas pressure), wind is driven by gas pressure gradient and centrifugal forces.
When magnetic field is strong (magnetic pressure is slightly smaller than gas pressure), wind is driven by gas pressure gradient and
magnetic pressure gradient forces. The power of wind in strongly magnetized case is just slightly larger than that in weakly magnetized
case. The power of wind lies in a range PW ∼ 10
−4−10−3M˙inc
2, with M˙in and c being mass inflow rate and speed of light, respectively.
The possible role of wind in active galactic nuclei feedback is briefly discussed.
Key words. accretion, accretion discs – black hole physics – hydrodynamics
1. Introduction
Advection-dominated accretion flow (ADAF) can have either
low or high accretion rate.When the accretion rate is much larger
than the Eddington rate, due to large optical depth, the pho-
tons are trapped in the flow and advected to the black hole. The
high accretion rate ADAF is called slim disk (Abramowicz et al.
1988). When the accretion rate is significantly smaller than the
Eddington rate, the flow density is very low. In this case, the
radiation is not important. The flow temperature is close to the
Virial temperature. The low accretion rate ADAF is called hot
accretion flow.
Hot accretion flow model became popular since the
1990s (Narayan & Yi (1994, 1995); Abramowicz et al. 1995;
Kato et al. (1998); Narayan et al. 1998). In low-luminosity
active galactic nuclei (LLAGNs), the black hole is be-
lieved to accrete matter in hot accretion flow mode (e.g.
Ho 2008; Antonucci 2012; Done 2014). In hard/quiescent
states of black hole X-ray binaries, the black hole also ac-
cretes matter in hot accretion flow mode (e.g. Esin et al.
1997; Fender et al. 2004; Zdziarski & Gierlin´ski 2004; Narayan
2005; Remillard & McClintock 2006; Narayan & McClintock
2008; Belloni 2010; Wu et al. 2013; Yuan & Narayan 2014).
In recent years, lots of numerical simulations have been
performed to study properties of hot accretion flow (e.g.
Stone et al. 1999; Igumenshchev & Abramowicz 1999, 2000;
Hawley et al. 2001; Machida et al. 2001; Stone & Pringle 2001;
Hawley & Balbus 2002; De Villiers el al. 2003; Pen et al. 2003;
Beckwith et al. 2008; Pang et al. 2011; Tchekhovskoy et al.
2011; Tchekhovskoy & McKinney 2012; Yuan et al. 2012a,b;
McKinney et al. 2012; Narayan et al. 2012; Li et al. 2013;
Sadowski et al. 2013; Mos´cibrodzka et al. 2014).
In recent years, there are observations of both LLAGNs
(e.g. Crenshaw & Kraemer 2012; Tombesi et al. 2010a, 2014;
Wang et al. 2013; Cheung et al. 2016) and the hard state of black
hole X-ray binaries (Homan et al. 2016). These observations in-
dicate that winds can be generated from hot accretion flow.
The origin of wind in weakly magnetized hot accretion flow
has been studied by numerical simulation (Yuan et al. 2015). In
Yuan et al. 2015, magnetic pressure is smaller than gas pressure
by a factor of several tens. It is found that wind is driven by
the combination of gas pressure gradient, magnetic pressure gra-
dient and centrifugal forces. The origin of wind has also been
studied by analytical works. In these works, the effects of mag-
netic field (Lorentz force) are neglected (e.g. Begelman 2012;
Gu 2015).
It is very important to study wind properties. The reasons
are as follows. First, wind is an important ingredient of accre-
tion physics. If wind is present, the mass accretion rate can no
longer be a constant with radius. The change of mass accretion
rate profile changes the gas density profile.The change of den-
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sity profile can change spectrum of a black hole accretion sys-
tem (e.g. Quataert & Narayan 1999; Yuan et al. 2003). Second,
there is consensus that AGNs feedback can affect the evolution
of their host galaxies significantly (e.g. Ciotti & Ostriker 1997,
2001, 2007; Proga et al. 2000; Novak et al. 2011; Gan et al.
2014, 2017; King & Pounds 2015; Ciotti et al. 2017). Wind can
push away the gas at sub-parsec and parsec scales. Consequently,
the feeding rate of the central black hole can be significantly af-
fected. The change of gas properties at parsec scale can also af-
fect the star formation rate (e.g. Ciotti et al. 2017). Before study-
ing the feedback by AGN wind, we should study the properties
of wind.
Both cold disk (Shakura & Sunyaev 1973) and hot accretion
flow can produce wind. Luminous AGNs are powered by stan-
dard thin disk (Shakura & Sunyaev 1973). Blueshifted absorp-
tion lines of highly ionized iron are frequently observed in lumi-
nous AGNs. The large blueshift of lines indicates that wind has
velocity of 0.1 − 0.3 c, with c being speed of light. Such high
velocity wind is called ultra-fast outflows (UFOs, Tombesi et al.
(2010b, 2011)). UFOs are generated inside 100 Schwarzschild
radius. The power of UFOs can be 5/1000 LEdd, with LEdd be-
ing Eddington luminosity (Nomura & Ohsuga 2017). The sta-
tus of study of wind from hot accretion flows is quite different
from the case of a cold accretion disk. In this case, the obser-
vational data is much fewer compared to the case of cold disk.
This is mainly because the gas in the wind from a hot accretion
flow is very hot thus generally fully ionized. So it is very dif-
ficult to detect them by the usual absorption-line spectroscopy.
But still, in recent years, we have gradually accumulated more
and more observational evidences for wind from low-luminosity
sources in which we believe a hot accretion flow is operating
(e.g. Crenshaw & Kraemer 2012; Tombesi et al. 2010a, 2014;
Wang et al. 2013; Cheung et al. 2016; Homan et al. 2016 ). The
properties of wind from hot accretion flow are mainly studied by
numerical simulations. Simulation works find that poloidal ve-
locity of wind is approximately 0.2 vk, with vk being the Keple-
rian velocity of the location where wind is generated.The power
of wind is 1/1000 M˙c2, with M˙ being black hole accretion rate
(Yuan et al. 2015).
We define plasma β = p/pmag, where p and pmag are the
gas pressure and the magnetic pressure, respectively. Numerical
simulations found that hot accretion flow can have either large
or small β. When β is large (β & 10), magnetic pressure is much
smaller than gas pressure, accretion flow is weakly magnetized.
In this case, angular momentum is transferred by Maxwell stress
associated with MHD turbulence driven by magneto-rotational
instability (MRI; Balbus & Hawley 1998). The weakly magne-
tized hot accretion flow is called ‘standard and normal evo-
lution’ (SANE) model (Narayan et al. 2012). When β is small
(e.g. β . 10), the magnetic pressure becomes comparable
to the gas pressure. In this case, the magnetic field is too
strong that MHD turbulence is suppressed. Angular momen-
tum is transferred by strong ordered large scale magnetic field
(Stone & Norman 1994; Narayan et al. 2012; McKinney et al.
2012; Tchekhovskoy & McKinney 2012). The strongly magne-
tized accretion flow is called ‘magnetically arrested disc’ (MAD;
e.g. Narayan et al. 2012). For the MAD, the accretion rate is
strongly suppressed by the strong magnetic field.
The detailed properties of the wind in SANE model have
been investigated by Yuan et al. 2012b (see also Yuan et al.
2015). However, properties of wind in strongly magnetized hot
accretion flow have not been studied. In Yuan et al. 2015, it is
found that the wind is driven by the combination of magnetic
pressure gradient, gas pressure gradient and centrifugal forces.
Therefore, the strength of magnetic field should be an impor-
tant factor in determining properties of wind. In this paper, we
study how the wind properties change with the changing of mag-
netic field strength.We study both weakly and strongly magne-
tized hot accretion flow. We obtain the two-dimensional axisym-
metric steady solution of hot accretion flow in the presence of
magnetic field. We assume radial self-similarity as in many pre-
vious works.
Analytical works assuming radial self-similarity have been
done by many authors. In one-dimensional solution, wind is usu-
ally assumed to be present (e.g. Blandford & Begelman 1999;
Akizuki & Fukue 2006; Abbassi et al. 2008; Zhang & Dai
2008; Bu et al. 2009). Wind has been automatically
found in two-dimensional solutions (e.g. Xu & Chen
1997; Blandford & Begelman 2004; Xue & Wang 2005;
Tanaka & Menou 2006; Jiao & Wu 2011; Mosallanezhad et al.
2014; Gu 2015; Samadi & Abbassi 2016). However, we note
here that in all above mentioned works, magnetic field is not
taken into account. It is well known that magnetic field plays
a significant role in the dynamics of accretion flow. Therefore,
it is necessary to obtain the accretion solutions in the presence
of magnetic field. In this paper, we will study how do the wind
properties change with the changing of magnetic field strength.
This paper is organized as follows. In section 2, we introduce
the basic MHD equations and assumptions. The detailed descrip-
tions of numerical solutions are described in section 3. In section
4, we provide a summary and briefly discuss the implications of
our results.
2. Basic Equations
In this section, we derive the basic equations for steady-state,
axisymmetric hot accretion flows incorporating magnetic fields.
We adopt spherical coordinates (r, θ, φ). General-relativistic ef-
fects are neglected and we use Newtonian potential ψ = −GM/r,
where G is the gravitational constant and M is the mass of the
central black hole. The basic resistive MHD equations of hot ac-
cretion flow can be described as:
∂ρ
∂t
+∇ · (ρv) = 0, (1)
ρ
[
∂v
∂t
+ (v ·∇)v
]
= −ρ∇ψ −∇p +∇ · T +
J ×B
c
, (2)
∂e
∂t
+∇ · (ev) + p∇ · v = q+ − q−rad ≡ f q
+, (3)
∂B
∂t
=∇ ×
(
v ×B −
4pi
c
ηJ
)
, (4)
∇ ·B = 0, (5)
where, ρ is the density, v = (vr, vθ, vφ) is the velocity, p is the
gas pressure, T is the viscous stress tensor, J = (c/4pi)∇ × B
is the current density,B = (Br, Bθ, Bφ) is the magnetic field and,
e is the internal energy density of the gas. We adopt an adia-
batic equation of state, p = (γ − 1)e, where γ is the adiabatic
index of the gas which is set to 5/3 here. In the energy equation
(3), q+ is the heating rate, q−
rad
is the radiative cooling rate and,
f represents the advection factor describing the fraction of the
heating energy stored in the gas and advected towards the central
black hole. In the induction equation (4), η = c2/(4piσe) is the
magnetic diffusivity, where σe denotes the electric conductivity.
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Note here that, we include the dissipation term in Equation (4)
in order to obtain a steady solution. If the dissipation term is ne-
glected, there will be no steady state solution due to continuous
accumulation of magnetic flux.
Numerical simulation found that the azimuthal component of
viscosity is much larger than other components (Stone & Pringle
2001). Therefore in this study, we set the viscous tensor to have
only the azimuthal component, i.e.,
Trφ = µr
∂
∂r
(vφ
r
)
, (6)
where µ(≡ ρν) is the dynamical viscosity coefficient and, ν is
the kinematic viscosity. We model viscosity with the standard
α-prescription (Shakura & Sunyaev 1973), where the kinematic
coefficient of the viscosity ν can be expressed as
ν =
αp
ρΩK
. (7)
Here,ΩK = (GM/r
3)1/2 is the Keplerian angular velocity and
α is a constant viscosity parameter. We assume both viscosity
and magnetic dissipation can heat the gas. Therefore, the heating
rate q+ will be decomposed into two terms,
q+ = qvis + qres, (8)
with
qvis = Trφr
∂
∂r
(vφ
r
)
, (9)
qres =
4pi
c2
ηJ2. (10)
where, qvis, and qres are the viscous heating and the magnetic
field dissipation heating, respectively. We set the magnetic dif-
fusivity to be η = η0p/(ρΩK) to satisfy the radially self-similar
assumption.
Global and local numerical MHD simulations of black hole
accretion disks found that magnetic field can be decomposed into
an ordered large-scale component and a turbulent component
(e.g. Machida et al. 2006; Johansen & Levin 2008; Bai & Stone
2013; Zhu & Stone 2017). Both large-scale and turbulent com-
ponents can transfer angular momentum. The dissipation of
magnetic field can heat the gas. In this paper, the magnetic field
B in Equations (2), (4) and (5) represents the large-scale ordered
component. The term qres represents the heating by dissipation of
large scale component of magnetic field. The angular momen-
tum transfer by small-scale turbulent magnetic field is modeled
by the viscous force∇·T in equation (2). The dissipation heating
of gas by small scale turbulent magnetic field is modeled by the
viscous heating qvis.
The magnetic field configuration is assumed to be evenly
symmetric about the equatorial plane. This kind of symmetry is
immensely implemented by previous works to study MHD wind
(e.g. Blandford & Payne 1982; Lovelace et al. 1994; Cao 2011;
Li & Begelman 2014).
Br(r, θ) = −Br(r, pi − θ), (11)
Bθ(r, θ) = +Bθ(r, pi − θ), (12)
Bφ(r, θ) = −Bφ(r, pi − θ), (13)
Radial component of magnetic field can be stretched into az-
imuthal component due to shear of accretion flow. Thus, the
radial and azimuthal components of magnetic field have oppo-
site sign. In this paper, we study the region above the equatorial
plane. Radial component of magnetic field is set to be positive
(Br > 0). Accordingly, azimuthal component of magnetic field
is negative (Bφ < 0).
We assume time-steady and axisymmetric flow (∂/∂t =
∂/∂φ = 0), and adopt self-similar approximation to remove ra-
dial dependence of physical quantities. In terms of a fiducial ra-
dial distance, r0, the self-similar solutions are defined as power-
law form of r/r0. Therefore, the MHD equations of the flow ad-
mit the following radial scaling relations for the variables,
v(r, θ) =
√
GM
r0
(
r
r0
)−1/2
v(θ), (14)
ρ(r, θ) =
M
r3
0
(
r
r0
)−n
ρ(θ), (15)
p(r, θ) =
GM2
r4
0
(
r
r0
)−n−1
p(θ), (16)
B(r, θ) =
√
GM2
r4
0
(
r
r0
)−(n/2)−(1/2)
b(θ). (17)
Numerical simulations of hot accretion flow show that the
radial profile of density can be described as a power law func-
tion of r as ρ ∝ r−n, with 0.5 < n < 1 (e.g. Stone et al.
1999; Yuan et al. 2012a). Therefore, in this paper we assume that
ρ ∝ r−n. According to the power law function of density, the
power-law function of magnetic field and gas pressure are set to
satisfy the radially self-similar condition. In this paper, we set
n = 0.85. We have done some tests with other values of n. We
found that if n is slightly changed, the results are not changed
much.
Under the above mentioned assumptions, Equations (1)-(5)
can be simplified as
ρ
[(
3
2
− n
)
vr + vθ cot θ +
dvθ
dθ
]
+ vθ
dρ
dθ
= 0, (18)
ρ
[
−
1
2
v2r + vθ
dvr
dθ
− v2θ − v
2
φ
]
= −ρ + (n + 1)p
+
1
4pi
(
jθbφ − jφbθ
)
, (19)
ρ
[
1
2
vrvθ + vθ
dvθ
dθ
− v2φ cot θ
]
= −
dp
dθ
+
1
4pi
(
jφbr − jrbφ
)
, (20)
ρ
[
1
2
vrvφ + vθ
dvφ
dθ
+ vθvφ cot θ
]
=
3
2
(n − 2)αvφp
+
1
4pi
( jrbθ − jθbr) , (21)
(
3
2
γ − n − 1
)
vr p + vθ
dp
dθ
+ γp
[
dvθ
dθ
+ vθ cot θ
]
=
f (γ − 1)
[
9
4
αpv2φ +
η
4pi
(
j2r + j
2
θ + j
2
φ
)]
, (22)
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n
2
(
vrbφ − vφbr
)
+ vφ
dbθ
dθ
+ bθ
dvφ
dθ
− vθ
dbφ
dθ
− bφ
dvθ
dθ
+
n
2
η jθ + η
d jr
dθ
+ jr
dη
dθ
= 0, (23)
dbθ
dθ
−
1
2
(n − 3)br + bθ cot θ = 0, (24)
where,
jr =
dbφ
dθ
+ bφ cot θ, (25)
jθ =
1
2
(n − 1)bφ, (26)
jφ = −
1
2
(n − 1)bθ −
dbr
dθ
. (27)
The above differential equations consist of eight variables:
vr(θ), vθ(θ), vφ(θ), ρ(θ), p(θ), br(θ), bθ(θ) and bφ(θ). By assuming
even symmetry for the accretion flow about the equatorial plane,
the boundary conditions require,
dvr
dθ
=
dvφ
dθ
=
dρ
dθ
=
dp
dθ
=
dbθ
dθ
= br = bφ = vθ = 0. (28)
We set the density at the equatorial plane ρ(pi/2) = 1. Also,
the magnetic field strength is set to,
β0 =
8pip(pi/2)
b2
θ
(pi/2)
(29)
3. Results
Equations (18)-(24) are solved numerically. We set Br and Bφ
to be null at the equatorial plane. Above the equatorial plane,
we set Br to be positive, Bφ is generated by shear of the flow
and should be negative. The MHD equations are integrated from
θ = pi/2 towards the rotational axis (θ = 0). We find that Bφ is
negative at the beginning of integration. However, Bφ becomes
positive at an angle θs near the rotation axis. We stop integration
at θs. We believe the solution in the region of θs < θ < pi/2 is still
physical 1. The reasons are as follows. First, the solutions satisfy
boundary conditions at θ = pi/2. Second, the physical quantities
at θs are physical. Therefore, we can reasonably treat these val-
ues as boundary conditions at θs. In fact, in Mosallanezhad et al.
2016, we also study properties of accretion flow by assuming
radial self-similarity. It is shown that the main properties of the
solutions obtained in this way are in good agreement with those
obtained in Yuan et al. 2015 from numerical simulations.
The parameters we adopt are α = η0 = 0.1. Numerical simu-
lations of hot accretion flow show that the radial profile of den-
sity can be described as a power law function of r as ρ ∝ r−n,
with 0.5 < n < 1 (e.g. Stone et al. 1999; Yuan et al. 2012a). In
this paper, we set n = 0.85. We also assume that radiation is not
important and set the advection factor f = 1. In this paper, we
have three models. In model A, the plasma beta at the equatorial
plane is β0 = 250. In models B and C, β0 = 50 and 5, respec-
tively. The magnetic field is strongest in model C. The magnetic
field strength in model B is moderate. In model A, the magnetic
field is the weakest.
1 Two-dimensional results found in Jiao & Wu 2011 are similar in the
sense that they also had to stop in their integration at a certain θ > 0.
Figure 1 plots the angular profiles of physical quantities. The
blue, red and green lines are for β0 = 250 (model A), 50 (model
B) and 5 (model C), respectively. It is clear that at the region
close to the equatorial plane θ > 40◦, the radial velocity is neg-
ative, gas flows towards the black hole. The region θ > 40◦ is
inflowing region. In the region θ < 40◦, the radial velocity is pos-
itive. The region θ < 40◦ is wind region. This result is fully con-
sistent with that obtained by simulations (Yuan et al. 2015; see
also Narayan et al. 2012; Sadowski et al. 2013). In those works,
it is found that inflow is present around the equatorial plane
while wind is present in the polar region.
The azimuthal velocity (see Figure 1) in the highly mag-
netized case (β0 = 5) is significantly smaller than those in
weakly magnetized cases (β0 = 50 and 250). The reason is as
follows. In highly magnetized accretion flow, Maxwell stress
is large. Angular momentum can be transferred outward very
efficiently. Therefore, specific angular momentum (or equiva-
lently azimuthal velocity) of highly magnetized accretion flow
is much smaller. Numerical simulations also find that the spe-
cific angular momentum of gas in MAD model is signifi-
cantly smaller than that in SANE model (Narayan et al. 2012;
Tchekhovskoy & McKinney 2012; McKinney et al. 2012).
The quantities vθ and vφ increase with decreasing θ. This is
consistent with that found in Jiao & Wu 2011. In the wind region
(θ < 40◦), we find that the poloidal velocity (vp =
√
v2r + v
2
θ
) of
wind in the stronglymagnetized flow is larger than that in weakly
magnetized flow (see Figure 1). In order to study the reason for
the difference of poloidal velocity in different models, we cal-
culate the forces at the wind region. Figure 2 shows the result.
The left and right panels are for models A and C, respectively.
In the weakly magnetized case (model A), the dominant driving
forces for wind are the centrifugal force and the gradient of the
gas pressure. In the strongly magnetized case (model C), the cen-
trifugal force is much smaller due to the low rotational velocity
in this model (see left panel of the second row of Figure 1). The
magnetic pressure gradient force in model C is much stronger
than that in model A. The gas pressure gradient force is larger
in model C than that in model A. The total force in model C is
larger than that in model A. Therefore, the poloidal velocity of
wind in model C is biggest. We note that the poloidal velocity
of wind in model C is just slightly larger than those in models A
and B.
From Figure 1, we can see that from the equatorial plane to
the rotation axis, the density and pressure decrease. From the
bottom right panel of Figure 1, we see that the temperature (or
sound speed) in model C is slightly higher than those in models
A and B. The temperature of accretion flow depends on heating.
In this paper, we have both viscous and magnetic dissipation
heating. Viscous heating qvis ∝ (vφ/r)
2. Magnetic dissipation
heating qres ∝ B
2. In model C, the azimuthal velocity is much
smaller than those in models A and B. Therefore, the viscous
heating in model C is much smaller than those in models A and
B. However, the magnetic dissipation rate in model C is much
bigger than those in models A and B because magnetic field is
much stronger in model C. The total heating rate per particle in
model C is much bigger than those in models A and B. Quanti-
tatively, we find than the total heating rate in model C is larger
than those in models A and B by a factor of ∼ 1.5. Therefore,
the temperature of gas in model C is highest.
Bernoulli parameter is usually used to judge whether wind
can escape to infinity. In magnetized accretion flow, Bernoulli
parameter is defined as follows (Zhu & Stone 2017; Fukue
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Fig. 1. Angular profiles of variables. The blue, red and green lines are for β0 = 250, 50 and 5, respectively. β0 is the ratio of gas pressure to
magnetic pressure at the equatorial plane. Top-left panel plots radial velocity. Top-right panel plots vθ. The left panel of the second row plots
azimuthal velocity. Right panel of the second row plots poloidal velocity (vp =
√
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). Left panel of the third row plots density. Right panel of
the third row plots gas pressure. Bottom-left panel plots β. In bottom-right panel, the solid lines are for sound speed, the dashed lines are for alfven
speed. The top-left panel shows that the radial velocity changes its sign at θ ∼ 40◦.
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1990),
Be =
1
2
v2 + h + ψ +
BφBφ
4piρ
−
Bφvφ
4piκ
(30)
Here, h = γp/(γ − 1)ρ is enthalpy, κ = ρvp/Bp with Bp =√
B2r + B
2
θ
. Figure 3 shows the mass flux weighted Bernoulli pa-
rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
those in models A and B. This is because, temperature (or sound
speed) in model C is just slightly larger than those in models A
and B (see bottom right panel of Figure 1). Due to the smaller
azimuthal velocity in model C, the kinetic term in model C is
smaller than those in models A and B by a factor of ∼ 2. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass flux-weighted
Bernoulli parameter of the wind is evaluated as
Be(r) = 0.16 v2K(r). (31)
Numerical simulation result of SANE model obtained by
(Yuan et al. 2012b, eq. 19) showed that Be(r)/v2
K
(r) ≈ (0.1−0.2).
Therefore, our present result is in good agreement with that ob-
tained by numerical simulations.
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Fig. 4. Power carried by wind in unit of M˙inc
2. The red and blue lines correspond to thermal and kinetic powers carried by wind, respectively. The
green line shows Poynting flux. The black line shows the total power.
We also calculate the kinetic and thermal energy carried by
the wind as follows:
Pk(r) = 2pir
2
∫ 90◦
0◦
ρmax(v3r , 0) sin θdθ, (32)
Pth(r) = 4pir
2
∫ 90◦
0◦
ρemax(vr, 0) sin θdθ. (33)
The Poynting energy flux is
PB(r) = 4pir
2
∫ 90◦
0◦
S r max(vr/|vr|, 0) sin θdθ. (34)
The radial component of Poynting flux S r is defined as
(Igumenshchev 2008):
S r = vr
B2
4pi
−
Br
4pi
(v ·B) (35)
In this paper, the total power of wind is calculated as:
PW = Pk + Pth + PB. (36)
We assume that the Poynting flux is part of the energy flux
of wind. The reason is that it is believed finally the Poynting
flux will be converted into kinetic power of wind (Spruit 2010;
Li & Cao 2010). Figure 4 plots power carried by the wind. We
have calculated the mass flux of wind in models A, B and C.
We find that in model C, the mass flux of wind is just slightly
increased by a factor of 0.03 compared to that in model A. The
density and velocity of wind (see Figure 1) do not change much
from models A to C. Therefore, the mass flux of wind in the
three models do not differ much. The thermal power in model C
is slightly larger than those in models A and B. This is because
temperature and wind mass flux in model C are larger than those
in models A and B. The Poynting flux in model C is 3 times
that in model A. The reason is that magnetic field in model C is
much larger than that in model A. Finally, the kinetic power also
increases by a factor of 2 from model A to model C. The total
power in model C is 1.6 times that in model A.
4. Summary and discussion
In this paper, we solve two-dimensional MHD equations of
hot accretion flow incorporating an evenly symmetric magnetic
field. In order to simplify the equations, we assume radial self-
similarity. We find that wind is present at θ < 40◦, while inflow
is present around the equatorial plane. This structure is same
as that obtained in previous numerical simulation works (e.g.,
Yuan et al. 2012b; Narayan et al. 2012; Sadowski et al. 2013;
Yuan et al. 2015).
We focus on how the wind properties change with chang-
ing of magnetic field strength. We find that when the magnetic
pressure is more than 2 orders of magnitude smaller than the gas
pressure (β > 100; weakly magnetized flow), wind is driven by
the combination of the gas pressure gradient and the centrifugal
forces. However, when the magnetic field is strong (β < 10),
wind is driven by the combination of the gas pressure gradi-
ent and the magnetic pressure gradient forces. We find that the
Bernoulli parameter does not change much with the change of
the magnetic field strength. The Bernoulli parameter of wind
from both weakly and strongly magnetized accretion flow is
about Be ∼ 0.16v2
K
. We have also calculated the power carried
by wind. We find that the power of wind in strongly magnetized
flow is around 1.6 times that of wind in weakly magnetized flow.
The power of wind is in the range 10−4 − 10−3M˙inc
2. If wind
is generated close to the black hole, then M˙in is roughly equal
to the accretion rate onto the black hole M˙BH. In numerical sim-
ulations studying evolution of galaxies (e.g., Ciotti et al. 2010;
Ostriker et al. 2010; Gaspari et al. 2012), it is found that AGN
wind can interact with the intercluster medium and heat the inter-
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cluster medium. The heating by AGN wind is useful to prevent
rapid cool of the gas (i.e., the cooling flow problem). In order to
be consistent with observations, the power of AGN wind should
be in the range PW ∼ 10
−4 − 10−3M˙BHc
2. Thus, wind gener-
ated by hot accretion flow may play a role in solving the rapid
cooling problem of intercluster medium when the AGN is in hot
accretion mode.
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